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Observations & theory

points towards serious gaps 
in our understanding of 
planet formation as derived 
from the solar system alone!

Exoplanets have been found 
exactly where one did not 
expect to find them...

giant planets 
cannot form
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455 planets...

there might be more gaps!
more data is needed!
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Planet Formation: Stages



 Growth from dust to planetesimals



Classical collisional coagulation

?
μm mm m km

x 1000 x 1000 x 1000
surface effects strength regime gravity regime

- solids and gas do not orbit the star at the same speed

➝ gas drag & turbulence determines the relative collision velocities

Difficulties:
- drift timescale only 100 yr for 1 m body at 1 AU
- what makes meter-sized rocks stick together?
- typical velocities for 1 m bodies lead to destructive collisions

maximum relative velocities

➝ gas drag causes dust to drift towards the star



Gravoturbulent planetesimal formation
Dust is trapped locally in transient gas vortices in a turbulent disk 
and eventually becomes gravitationally bound.

Turbulence aided growth might proceed from pebbles directly 
to intermediate-sized (100-1000 km) objects.

Klahr & Johansen 2008
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Fig. 25. Mass accretion onto a gravitationally bound cluster at three different nu-
merical resolutions. The plots show the maximum bulk density of solids as a function
of time, normalized by the average gas density. Drag force and vertical gravity are
turned on at t = −10, while self-gravity and collisional cooling are turned on at
t = 0. The density increases monotonically after the onset of self-gravity because
gravitationally bound clusters of boulders form in the mid-plane. After only seven
orbits peak densities in these clusters approach 104ρg or a million times the average
boulder density in the disc. The colored bars show the mass contained within the
most massive Hill sphere in the box, in units of the mass of the 970 km radius
dwarf planet Ceres (MCeres = 9.5× 1023 g). The most massive cluster in the highest
resolution case accretes about 0.5MCeres per orbit (the entire box contains a total
boulder mass of 50MCeres). The cluster consists of approximately equal fractions
of the three larger boulder sizes. The smallest size, with ΩKτf = 0.25, is initially
underrepresented with a fraction of only 15% because of the stronger aerodynamic
coupling of those particles to the gas, but the fraction of small particles increases
with time as the cluster grows massive enough to attract smaller particles as well.
The mean free path inside the bound clusters is shorter than the size of the clus-
ter, so any fragments formed in catastrophic collisions between the boulders will be
swept up by the remaining boulders before being able to escape the cluster.

be an understanding of how dust grows to meter-sized boulders in a turbulent
disk, using 3D-simulations that do not oversimplify the relevant physics. Only
if we have the proper initial conditions of the boulder size distribution and in
addition know the proper turbulent state of protoplanetary disks, will it be
possible to put a solution to the planetesimal formation problem.

8 The core accretion - gas capture model

Once there is a sufficient population of planetesimals, e.g. the majority of
dust was converted into more than kilometer sized objects, a period of oli-
garchic growth starts (Thommes et al., 2006). In this period the motion of the
planetesimals is decoupled from the gas and strictly determined by the gravita-
tional N-body interactions between the planetesimals. As a result of the grav-
itational interaction during close approaches the planetesimals increase their
effective cross section for collisions (gravitational focusing: Safronov (1969)).

26

Are all bodies born that big?



From planetesimals to protoplanets



Semi-analytical rate equations

Rate equations: simplest 
possible approach. 

One big body & many small back-
ground planetesimals (surface density)

Without radial excursion, growth goes up until the 
isolation mass is reached: the protoplanet has 
accreted all planetesimals in its gravitational reach (in 
the feeding zone, width ca 5 Hills sphere radii).

The density in planetesimals can be derived from the surface density of plan-
etesimals Σ and the velocity dispersion v

ρp ≈
√

3

2

ΣΩ

v
. (19)

The
√

3 term results from the 3D nature of the velocity dispersion. Combining
this with the equation for the growth rates we have:

dmp

dt
= ΣΩπR2

sFg. (20)

We learn from this equation that planets grow faster closer to the star, because
Ω and Σ are larger there and that it is also easier beyond the snow line (see
chapter by Alexander). Treating the growth rates more precisely one finds two
distinct growth modes: 1.) All planetesimals are at a similar size and grow at
the same speed. 2.) One object emerges from the population and eats up the
rest (oligarchic growth) As a result not all objects grow equally in this process,
but there are a few objects emerging from the planetesimal population (thus
oligarchic growth) to become the future terrestrial planets and cores of the
giant planets. This growth is the fastest closer to the star, as the densities and
relative velocities are larger there than further away from the star. Eventually
the planetary embryos are clearing out a gap around them in the planetesimal
formation due to exchange of torques between the dominating body and the
swarm of smaller guys. One can compare this to the shepherding moons in the
rings of Saturn. Thus they have a critical mass (isolation mass) up to which
they can grow, a mass which increases with the distance from the central
object (see Fig. 26). This isolation mass can be estimated as follows. If the
planet eats all the material in his feeding zone, e.g. the projection of the Hill

sphere (with radius Rh =
(

mp

3M!

)
1

3 ) onto the planet’s orbit (with radius r),
then growth stops.

misolation ≈ 4πr2Σ
(

mp

3M!

)
1

3

. (21)

Setting the planet mass mp to the isolation mass yields

misolation ≈
(4πr2Σ)

3

2

(3M!)
1

2

. (22)

Plugging in numbers for the solar nebula leads to

misolation ≈ 0.07
(

a

1AU

)3
(

Σ

10gcm−2

)3/2

M⊕. (23)
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The core accretion model : phase 1

Accretion of planetesimals

Formation of a core

Accretion rate of gas very low

Depletion of the feeding zone

MZ < critical mass

Frejus - 30 November 2004

Alibert et al. 2005

Gravitational focussing! 
vrel key parameter.

Safronov 1969 



Growth as a function of semi-major axis

- Growth proceeds from inside out
- Formation of massive cores (M > 10 MEarth) necessary to 
  build giant planets require massive disks

Mordasini et al. 2009

5xMMSN

C. Mordasini et al.: Extrasolar planet population synthesis. I. 1149

Fig. 7. Snapshots of the embryo mass (solid line) as a function of semimajor axis at four moments in time for two different solid surface densities.
The dashed line is the isolation mass. The dotted line is Memb,0 = 0.6 M⊕. The initial solid surface density at 1 AU is 7 g/cm2 (left panel) and
35 g/cm2 (right panel). It should be kept in mind that this kind of calculation is needed to generate the start time tstart when the embryo is put into
the formation model. The real evolution of the solid core for M > 0.6 M⊕ is in general much more complex than plotted here. In this figure, we
have continued the calculations up to the isolation mass to allow comparison with other models.

the results are quite similar, even if core growth proceeds at
large orbital distances somewhat faster in our model. Compared
to Chambers (2006) one finds that core growth in our model is
faster than in his simple equilibrium model, but slower than in
his complete model that is considerably more complex, includ-
ing e.g. planetesimal fragmentation.

As mentioned in Sect. 4.4, we only start embryos in that part
of the disk where Miso ≥ Memb,0 and tdisk ≥ tstart. The latter
condition gives an outer bound for possible starting positions.
The reasoning behind it is that if one of the numerous plane-
tary seeds can form while the disk is still present, it would have
done so, and that it is a candidate to eventually become a giant
planet observable today. In other parts of the disk, seed embryos
also form, but they remain very small during the presence of the
gaseous disk. Thus, we aim at minimizing the negative side ef-
fects of having only one seed per disk on the population of giant
planets, but at the same time make our populations incomplete
at small masses (cf. Sect. 2.4).

For a significant fraction (∼28%) of the sets of initial con-
ditions we draw, one or both of the two aforementioned con-
ditions cannot be fulfilled anywhere in the disk, namely when
fD/G and/or Σ0 come from the low tail of their distributions,
while Ṁw is high. In such cases, no calculations were made, but
we keep the record of the corresponding initial conditions where
the formation of sizable planets is not possible and correct for
them when calculating for example overall detection probabili-
ties (Paper II).

5. Results

Once all Monte Carlo variables have been drawn, the next step
consists of computing the formation of the planet correspond-
ing to these initial conditions. This process can be illustrated by
means of formation tracks in the mass-distance plane. Except
where otherwise stated, all results are obtained for a population
with α = 0.007 and fI = 0.001. The reason for this choice is

that the resulting sub-population of observable synthetic planets
reasonably well reproduces the observed population (Paper II).

5.1. Planetary formation tracks

Figure 8 shows formation tracks of about 1500 randomly cho-
sen synthetic planets. The tracks lead from the initial position at
a(t = 0) = astart and the fixed M(t = 0) = Memb,0 to the final po-
sition marked by a large black symbol when planet growth and
migration stops. The color of the track indicates the migration
mode: Red for type I migration, blue for ordinary (disk domi-
nated) type II migration and green for the braking phase. In this
phase, planet dominated type II migration occurs (Eq. (3)) and
the planetary gas accretion rate is given by the rate at which the
disk can supply gas (Eq. (5)).

Even if the tracks show a great diversity, one can distinguish
groups of planets with similar tracks. These groups are due to
different formation stages that planets might undergo. In the next
sections, we study representative tracks of four such groups.

5.1.1. Tracks of “failed cores”

During the first stage of formation at low masses, type I migra-
tion (red) occurs. Since for this example population type I mi-
gration is very slow ( fI = 0.001), the tracks are almost vertical.
Planets that have migrated as type I only are represented by filled
circles in Fig. 8.

For most embryos, this first stage is also the final one. Their
evolution stops at low masses because most initial conditions do
not allow the formation of more massive planets during the life-
time of the disk. Therefore, most seeds (50−75%, see Paper II)
contribute to building up a large population of “failed cores”
with M ∼ 1−10 M⊕ which, from the point of view of giant planet
formation, failed to accrete a significant amount of gas. The pop-
ulation synthesis calculations of Ida & Lin (2004a, 2008) also

1xMMSN (Σ=7 g/cm2)
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Beyond the rate equation
- Monte Carlo method

- follow explicitely up to 100 million bodies embedded in evolving gas disk
- processes: relaxation, collisioons, gas drag, and type I migration

Example: Evolution of 65 million bodies 35 km radius between 0.5-3.0 AU
- surface density of MMSN, iceline at 2.6 AU

- maximum mass: 0.15 MEarth

- no massive bodies at large distances

How to form the > 10 MEarth cores of giant planets?? 

Schröter et al. in prep.



Earth’s current water content without accounting for any water loss
(the Earth’sWMF is! 10"3; Lécuyer et al., 1998). In contrast, the three
planets from the EEJS simulations each had feeding zones of less than
1.7 AU inwidth.Very littlematerial fromexterior to2 AUwas incorpo-

rated into the EEJS planets, with the notable exception of one embryo
that originated at 2.64 AU andwas the accretion seed of theMars ana-
log. Thus, the Earth and Venus analogs are very dry, but theMars ana-
log is very water-rich.

Fig. 3. Snapshots in time from a simulation with Jupiter and Saturn in 3:2 mean motion resonance (JSRES). The size of each body is proportional to its mass(1/3) (but is not to
scale on the x axis). The color of each body corresponds to its water content by mass, from red (dry) to blue (5% water). Jupiter is shown as the large black dot; Saturn is not
shown.

Fig. 4. Evolution of a simulation with Jupiter and Saturn starting at their current semimajor axes but with eccentricities of 0.1 (EEJS). Formatted as in Fig 3.

S.N. Raymond et al. / Icarus 203 (2009) 644–662 649

Late stages: Terrestrial planets

Jupiter assumed to be present early on....

Raymond et al. 2009



Giant planet formation



The core accretion paradigm

Basic requirement:

1) Formation of a critical core
a critical core must form through 
collisional accretion of planetesimals

Mcrit ≈ 10 MEarth

2) Availability of gas
gas must be available to accrete once 
the critical core has formed 

A timing issue!Perri & Cameron 1974, Mizuno et al. 1978, Mizuno 1980, 
Bodenheimer & Pollack 1986, Pollack et al. 1996



Timescales
Timescale for specific processes: The heart of the problem

- the growth time of a massive core: Collisional dynamics
➝ function of distance to star

- the core gas accretion time scale: Radiative losses
➝ function of core size

- the gas supply rate from the disk: (Magneto-)Hydrodynamics
➝ function of disk dissipation mechanism

- the migration rate: Interactions
➝ function of core size and disk characteristics

In some regime these timescales are similar, in others they are different
➝ need a self-consistent approach that captures this



Gas accretion by the core 

core size

candidates for this scenario). All of this leads us to
predict that within the diverse ensemble of plan-
etary systems, ones resembling our own are the
exception rather than the rule. Observationsmay be
hinting at this already (30), although the true planet
distribution remains largely obscured by selection
effects (25). On the other hand, scaled-down ver-
sions of the solar system, in which a moderate
amount of migration took place, are likely to be
more common; indeed, such a system has recently
been discovered through microlensing (31). Final-
ly, scenarios in which type II migration is reduced
(32, 33) wouldmodify our prediction, permitting a
more common occurrence of solar system analogs.

In all of our simulations, the formation of a
gas giant brings with it violent scattering of neigh-
boring smaller bodies, including other cores about to
undergo runaway gas accretion themselves. Such
scattering has been proposed as the origin of Uranus
and Neptune (34), with dynamical friction from the
remnant outer planetesimal disk (not modeled here)
serving to prevent their ejection and ultimately re-
circularize their orbits. Thus, whether or not Jupiter
and Saturn analogs are rare, it is likely that Uranus
and Neptune analogs are quite common.
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Suppressing Spin Qubit Dephasing by
Nuclear State Preparation
D. J. Reilly,1 J. M. Taylor,2 J. R. Petta,3 C. M. Marcus,1* M. P. Hanson,4 A. C. Gossard4

Coherent spin states in semiconductor quantum dots offer promise as electrically controllable
quantum bits (qubits) with scalable fabrication. For few-electron quantum dots made from gallium
arsenide (GaAs), fluctuating nuclear spins in the host lattice are the dominant source of spin
decoherence. We report a method of preparing the nuclear spin environment that suppresses
the relevant component of nuclear spin fluctuations below its equilibrium value by a factor of ~70,
extending the inhomogeneous dephasing time for the two-electron spin state beyond
1 microsecond. The nuclear state can be readily prepared by electrical gate manipulation
and persists for more than 10 seconds.

Quantum information processing requires
the realization of interconnected, control-
lable quantum two-level systems (qubits)
that are sufficiently isolated from their en-

vironment that quantum coherence can be main-

tained for much longer than the characteristic
operation time. Electron spins in quantum dots
are an appealing candidate system for this appli-
cation, as the spin of the electron is typically only
weakly coupled to the environment relative to the

Fig. 3. Approximate
timing and location of
gas giant formation in
a protoplanetary disk.
(Bottom) The final or
“isolation” mass of solid
cores (black dots), with
spacing between succes-
sive cores taken fromplan-
et formation simulations
(38). (Top) The time (thick
solid curve) for a core
(black dots; vertical dotted
lines connect to corre-
sponding core in bottom
panel) to become a gas
giant (horizontal dotted
lines show times for in-
dividual protoplanets).
We approximate this as
the sum of the time for
the core to reach its final
mass, tcore (thin solid
curve), and the time for
the core to undergo run-
away gas accretion, taken
to be its Kelvin-Helmholtz time (39), tKH (dashed curve). As inmore detailed calculations (40), we find that gas
giant formation commences at one particular radius, which for typical parameters lies in or near the Jupiter-
Saturn region (in this case at 7 AU and at time tgiant just under 2 My). Giant formation begins in a burst, with
several planets growing in rapid succession, then slows down as it spreads to larger and smaller radii. In
practice, once an inner hole forms in the gas disk, formation is constrained to progress only outwards.
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Figure 12. Surface density plots for locally-isothermal calculations (left), and self-gravitating radiation hydrodynamical calculations using 1% IGO (centre),
and standard IGO (right) calculations with our standard protoplanetary disc surface density. From top to bottom the protoplanet masses are 22, 33, 100, 166
and 333 M⊕ respectively. The radiation hydrodynamical calculations use protoplanet radii of 1% of the Hill radii, while the locally-isothermal calculations
use 5% of the Hill radii. Note that with radiative transfer and standard opacities, the spiral shocks in the protoplanetary disc are much weaker than using
a locally-isothermal equation of state, while using radiative transfer with reduced grain opacities results in intermediate solutions because the discs are less
optically thick and are able to radiate more effectively than with standard opacities.

c� 0000 RAS, MNRAS 000, 000–000

Ayliffe & Bate 2009 

Thommes et al. 2008
Envelope mass derives from the condition:

1)
dr3

dm
=

3
4πρ

mass conservation

2)
dP

dm
= −G(m + Mcore)

4πr4
hydrostatic equilibrium

dT

dP
= ∇ad or ∇rad energy transfer3)

Internal structure equations



Evolution of the gaseous disk
Example: Irradiated profile with dead-zone and 

105

2.51055105
106

Very simple criterion for dead-zone: ∑ > 100 g/cm2

Effective viscosity is obtained by z-averaging

2.5 106

α = 7× 10−3

Lifetime: ~6 ×106 years

3 106



Position of the ice line (IL)
The position of the IL is critical in the core acretion theory. Its position is 
determined from the characteristics of the disk (e.g. density, alpha, etc.)

Notes:
- position of IL is a function of the
  assumed surface density
- for massive disks, the IL can be 
  located at significant distances
- the presence of a dead-zone 
  leads to a closer IL

without dead zone

with dead zone
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- Type I (low mass planets): No gap

Tanaka et al. 2002

free parameter: 0 to 1

- Type II (high mass planets): Gap formation

➝ Disk dominated regime
Mplanet << ΣPa2

P vmig = vvisc ≡
3νP

2aP
=⇒

Mplanet >> ΣPa2
P =⇒ vmig = vvisc ×

2Σa2
P

Mplanet Ida & Lin 2004

Migration

➝ Planet dominated regime

  Isothermal approximation:

viscous 
evolution



disk lifetimes

Type I: Planets seem to 
migrate so fast that they 
should all fall into the 
star within the lifetime of 
the disk

simple linear theory for 
iso-thermal disks cannot 
be the final word!

Ward 1997

Migration rates

Migration rates change by 1-2 
orders of magnitude from type I 
to type II 



Type I migration: Beyond isothermal 

inward

outward

Kley et al. 2009

Thermodynamics of the disk is essential 

Crida et al. 2006; Baruteau & Masset 2008; Casoli & Masset 2009; Pardekooper et al. 2010; Baruteau & Lin 2010



Type I convergence zones

38 Migration tracks

Figure 4.2: The top plot shows the torque factor Cadia(a) for the adiabatic regime at
different times indicated in the plot for the same disc as before. ERROR IN THE Y
AXIS LABEL. The lower panel illustrates again regions of outward and inward migration.
Green symbols show negative and red positive values of Cadia. Additionally, the location
of the two important convergence zones are shown.
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Exact location of 
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Mechanism to grow large cores?

Dittkrist et al. in prep



1330 A. Crida and A. Morbidelli

6 M O D E L L I N G T H E M I G R AT I O N R AT E

It seems quite logical that, when the planet opens a clean gap, its
migration follows a proper type II regime. With a Jupiter mass planet
and a disc aspect ratio of 0.05, this happens for R > 105 (see Figs 1
and 2).

However, for smaller Reynolds numbers, the gap is not com-
pletely gasproof. The gas in the gap has two major consequences:
(i) it partially sustains the outer disc, effectively reducing the torque
felt by the planet from the outer disc; (ii) it exerts a corotation torque
on to the planet. The possibility of gas flowing through the gap de-
couples the planet from the gas evolution.

In this section we show with a simple model that taking into
account these effects allows us to explain the evolution of the planet
as a function of the various parameters. Our model is based on
previous works on the corotation torque (Masset 2001), the viscous
evolution of accretion discs (LP74) and the shape of gaps (Crida
et al. 2006).

6.1 Classical type II torque

In an accretion disc, the viscous stress is such that angular momen-
tum flows outward while matter falls on to the star. In a Keplerian,
circular disc with ν and " independent of the radius, the torque
exerted by the part of the disc extending from a given radius r0 to
infinity on the inner part {r < r0} is Tν = −3π"νr0

2#0 (it can
be easily found from the strain tensor). It causes a mass flow of
gas F, carrying the equivalent angular momentum: Tν = Fr0

2#0 =
(2πr0"vr) r0

2#0, where vr is the radial velocity of the gas. In this
model vr = −(3/2)(ν/r0), which can also be found from the Navier–
Stokes equations. This gives the following equality, which we will
use further:

ν = −2vr

3
r0. (5)

If a planet opens a deep gap in such a disc, no gas flow is allowed
through the planetary orbit. The outer disc is maintained outside
of the gap by the planet, and an equilibrium is reached so that the
planetary torque balances Tν . Consequently, the planet feels from
the outer disc the torque Tν . This torque is proportional to the vis-
cosity and not to the planet mass. This is the case of standard type
II migration.

In a more realistic, viscously evolving disc, the scheme for type
II migration is the same, but the above formula for Tν is no longer
valid. In that case, the equations of LP74 provide the density, the
viscous torque and the radial velocity as a function of radius and
time. In our case of a disc with Rinf > 0, it gives

Tν = 3πν"0T −5/4 (h − hinf) exp

(
−ar 2

T

)
, (6)

"LP74 = Tν

3πν
√

r
, (7)

F = −∂Tν

∂h
, (8)

vr = F
2πr"LP74

, (9)

where h = r 2# =
√

r is the specific angular momentum. Notice
that equation (6) is exactly equation (25) in LP74, while equation (7)
is equivalent to equation (2).

Thus, in standard type II migration, we consider that the planet
feels from the disc a torque

TII = Fh = 2πr+"LP74(r+)vr(r+)
√

r+, (10)

where r+ = rp + xs is the radius of the external edge of the gap, and
"LP74 and vr come from equations (7) and (9), respectively.

6.2 Torque exerted on the outer disc by the gas in the gap

The gas in the gap, the density of which is denoted "gap, exerts on the
outer disc a positive viscous torque T(i) that is given by equation (10),
with "gap instead of "LP74 and the opposite sign. This torque par-
tially sustains the outer disc, and therefore needs to be subtracted
from the torque that the planet would suffer from the outer disc if
the gap were clean (given by equation 10). So, denoting by f the
ratio "gap/"LP74 we have

T(i) = − f TII. (11)

We now discuss how to evaluate f in practice. We have presented
in Section 5 a way to compute semi-analytically the gap profile and
the gap depth. However, making a step-by-step integration until the
bottom of the gap it is not very convenient. Consequently, we looked
for a simple empirical formula for the gap depth as a function of
the viscosity, the aspect ratio of the disc and the planet mass. Crida
et al. (2006) showed that the density inside the gap is less than
10 per cent of the unperturbed value (i.e. f < 0.1) if and only if

P = 3
4

H
RH

+ 50
qR

! 1. (12)

Using equation (3), we have computed the depth of the gap for
various values of the parameter P . For each value of P , we impose
q = 10−3 and H/r = 0.05, and find the corresponding viscosity.
Then, we use these parameters in equation (3); the obtained gap
depth is shown as big dots in Fig. 8. We repeat the same operation
for q ranging from 5 × 10−4 to 2 × 10−3; the results are reported
as crosses in Fig. 8. Furthermore, we impose q = 10−3 and ν =
0, and find the corresponding H/r and the resulting gap depth. We
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Figure 8. Gap depth (measured as ratio of the gap surface density to the
unperturbed density at r = rp + 2RH) as a function of P . The data points for
each value of P are obtained from the integration of equation (3), assuming
different values of ν and H/r and keeping q = 10−3 (points) or different
values of ν and q and keeping H/r = 0.05 (crosses); the big dots correspond
to the gap depths obtained for different values of ν and keeping both H/r
= 0.05 and q = 10−3 (see text for a more precise description of the sets of
measures). The bold line is an approximate fit of the data.
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Fig. 1. Logarithmic plots of the surface density Σ for the relaxed state
after 2000 orbits for two different masses of the planet which is located
at r = 1.0 in dimensionless units. Top: q = 3.0×10−3, and bottom: q =
5.0 × 10−3 calculated with NIRVANA. The inner disk stays circular
in both cases but the outer disk only in the lower mass case. For q =
5.0×10−3 it becomes clearly eccentric with some visible fine structure
in the gap. For illustration, the drawn ellipse (solid line in the lower
plot) has one focus at the stellar location and an eccentricity of 0.20.

expected due to the stronger gravitational torques. For the low-
est mass q = 0.001 model (solid line) the gap is not completely
cleared.

3.2. Dependencies on numerical parameters

The threshold mass where the transition from circular to ec-
centric occurs apparently depends on the width and shape of
the gap, and parameters that will change the gap structure will
also change this threshold mass. Before we analyze physi-
cal influences we display in Fig. 4 the surface density profile
and the disk eccentricity for models using different numerical
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Fig. 2. Disk eccentricity as a function of radius for the several models
with q = 0.001 up to q = 0.005 at t = 2500 orbits, for the q = 0.003
model at t = 3850. For the two lower curves q = 0.001 and q = 0.002,
the outer edge of the computational domain lies at rmax = 2.5.
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Fig. 3. Azimuthally averaged radial profiles of the surface density for
different planet masses, for the same models and times as in Fig. 2.
The width of the gap increases with planetary mass.

parameters but all with same physical setup for q = 0.004, and
at the same evolutionary time of 2500 orbits (the high resolu-
tion model at t = 1750 orbits).

The solid line refers to the basic reference model (as in
Fig. 3, 4 MJup model). We first find that the mass value where
the transition occurs may depend on the location of the outer
boundary rmax. If the stand-off distance of the planet to the
outer boundary is too small the damping boundary condi-
tions, which tend to circularize the disk, prevent the disk from
becoming eccentric. The simulations using a 4 MJup planet
and a smaller rmax clearly shows this effect. For this mass
of the planet the disk will not anymore become eccentric for

372 W. Kley and G. Dirksen: Disk eccentricity and embedded planets

Fig. 1. Logarithmic plots of the surface density Σ for the relaxed state
after 2000 orbits for two different masses of the planet which is located
at r = 1.0 in dimensionless units. Top: q = 3.0×10−3, and bottom: q =
5.0 × 10−3 calculated with NIRVANA. The inner disk stays circular
in both cases but the outer disk only in the lower mass case. For q =
5.0×10−3 it becomes clearly eccentric with some visible fine structure
in the gap. For illustration, the drawn ellipse (solid line in the lower
plot) has one focus at the stellar location and an eccentricity of 0.20.

expected due to the stronger gravitational torques. For the low-
est mass q = 0.001 model (solid line) the gap is not completely
cleared.

3.2. Dependencies on numerical parameters

The threshold mass where the transition from circular to ec-
centric occurs apparently depends on the width and shape of
the gap, and parameters that will change the gap structure will
also change this threshold mass. Before we analyze physi-
cal influences we display in Fig. 4 the surface density profile
and the disk eccentricity for models using different numerical

1 2 3 4
0

.05

.1

.15

.2

r

   
D

is
k 

E
cc

en

 t = 2500
 1 M_jup
 2 M_jup
 3 M_jup
 4 M_jup
 5 M_jup

Fig. 2. Disk eccentricity as a function of radius for the several models
with q = 0.001 up to q = 0.005 at t = 2500 orbits, for the q = 0.003
model at t = 3850. For the two lower curves q = 0.001 and q = 0.002,
the outer edge of the computational domain lies at rmax = 2.5.

1 2 3 4
0

.5

1

r

  Σ

 t = 2500
 1 M_jup
 2 M_jup
 3 M_jup
 4 M_jup
 5 M_jup

Fig. 3. Azimuthally averaged radial profiles of the surface density for
different planet masses, for the same models and times as in Fig. 2.
The width of the gap increases with planetary mass.

parameters but all with same physical setup for q = 0.004, and
at the same evolutionary time of 2500 orbits (the high resolu-
tion model at t = 1750 orbits).

The solid line refers to the basic reference model (as in
Fig. 3, 4 MJup model). We first find that the mass value where
the transition occurs may depend on the location of the outer
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Large scale signature of 
planet-disk interaction

Wolf & Klahr 2008

Gap formation: Type II migration

Transition to type II:
opening of gap

function of:
- disk characteristics: H, R
- planet & stellar mass

observationaly testable!



Population synthesis
Population synthesis is a tool to:

- use all known exoplanets to constrain planet formation models
- test the implications of new theoretical concepts

Need to compute the formation of many planets
- the approach and the physics must be simplified
- it must capture the key effects

➝ requires separate detailed studies of all components
- several different approaches are useful

- provide a link between theory and observations

One learns a lot even if a synthetic population 
does not match the observed one!

The approach cannot handle too complex physics!



Synthetic population

alpha= 7x10-3, f1=0.001, M=1 M⊙

Planets that 
reached inner 

boarder of                    
computational 

disk

20 C. Mordasini et al.: Extrasolar planet population synthesis I

Fig. 14. Final mass M versus final distance a of all Nsynt ≈ 50 000 synthetic planets of the planetary population orbiting G type stars using the
parameters and distributions described in §3 (α = 7 × 10−2, fI = 0.001). The feeding limit at atouch is plotted as dashed line. Planets migrating into
the feeding limit have again been put to 0.1 AU. As atouch gets very large for M � 20M�, also a few extremely massive planets are in the feeding
limit which should however be regarded as a simulation artifact. One remarks how the different phases of the formation tracks leave their traces in
the final positions of the planets.

planets around single host stars are considered (Udry et al. 2003,
Zucker & Mazeh 2002). In future simulations, we will study the
dependence of the particular slope of Mmax(a) at small distances
on the disk surface density profile. With the initial surface den-
sity profile used for the populations discussed here (Σ ∝ a−3/2),
we find that inside 3 AU, Mmax scales approximately as a3/4 (as
Miso), provided that type I migration is slow, as discussed in §5.2.
For populations obtained with higher type I migration rates Mmax
is flat inside ∼ 3 AU. Future observations of a very large num-
ber of single giant planets out to several AU (Ge et al. 2007)
around single stars will help to define better the exact slope of
Mmax(a), and therefore constrain further migration models, and
disk surface density profiles.

When comparing fig. 14 with actual discoveries, one should
bear in mind the incompleteness of the model for close-in, ter-
restrial mass planets. The reason for it was discussed in §5.2.

5.3.3. Additional sub-structures in the a − M diagram

The different phases of planet formation and migration that were
identified in the formation tracks leave traces also in the fi-
nal properties of the planets. Clearly, one can distinguish the
“failed cores”, the “horizontal branch”, the “main clump”, and
the “outer group” planets.

As a new feature, fig. 14 however also shows a slight deple-
tion of planets with masses between 30 to 100 M⊕. This deple-
tion is the analogue of the “planetary desert” first discussed by
Ida & Lin (2004a). Compared to their results, the depletion is
much less severe in our simulations.

The reason for this difference is difficult to pinpoint exactly,
as both formation models differ in many aspects, but could be
related to the way the maximal gas accretion rate of the planets
is calculated. Both models use the criterion that the gas accretion
rate given by the planet’s Kelvin-Helmholtz timescale (which we

Diversity in initial 
conditions leads to 
planet diversity

transit 
RV

transit 
RV

micro-lensing
RV

micro-lensing
(RV)

The distribution of 
planets in the a-M 
plane is not uniform

Different techniques 
probe different regions 
of the a-M plane

Nominal model, no irradiation, no dead zone

Mordasini et al. 2009
see also: Ida & Lin 2004,...,2010



Formation tracks

Mstar=1 M⊙

Nominal model

Type I migration 
(Analytical rate reduced by fI)

Type II migration 
(Disk dominated: Mp<Mdisk,loc)

Type II migration 
(Planet dominated: Mp>Mdisk,loc & 
disk limited gas accretion)

Mordasini et al. 2009

Nominal model: Isothermal migration only



isothermal type I
adiabatic type I
saturated type I
type II

Formation tracks

interactions between 
growing planets will 

play a key role!



detectable sub-populationfull synth. population

observ. comp. sample
- 0.7 < Mstar < 1.3
-e < 0.3
-one planet / star
-single host stars
-KRV>10 m/s

RV detection bias

semi-major axis m sini

KS a: 64% KS msini: 96%

Fe/H

KS Fe/H: 22%

Comparison with observations
(nominal model)



With irradiation Without irradiation

Structure of the disk: Irradiation

transition between type I and type II migration
Fouchet et al. 2010



Beyond a solar mass
The mass of the central star enters in:

- the value of the Keplerian frequency
➝ accretion timescale of solids
➝ viscous dissipation in alpha-disk

- the value of the Hills radius
➝ size of feeding zone
➝ the size of the envelope at early times

RH = aplanet

�
Mplanet

3Mstar

�1/3

Ω =

�
GM

a3
planet

- the type I & II migration rate
➝ extent of migration

- the position of the iceline
➝ the location of increased surface density

Rice

1AU
≈

�
Σ5.2AU

10g/cm2

�0.44 �
M

M⊙

�0.1

- characteristics of circumstellar disk
➝ mass and lifetime of disk
➝ disk structure

Alibert et al. 2010



Characteristics of circumstellar disks
1) overall cluster lifetime

NGC 2024
Trapezium

IC 348

NGC 2362

introduced by theoretical evolutionary tracks, Figure 10 shows
that the ! Velorum cluster is in a similar evolutionary stage as the
other stellar groups with ages normally quoted as !5 Myr: the
k Orionis cluster (Barrado y Navascués et al. 2007; Dolan &
Mathieu 2002), the cluster NGC 2362 (Dahm & Hillenbrand
2007), and the Orion OB1b subassociation (Briceño et al. 2007;
Hernández et al. 2007b). We estimate an error of 1.5 Myr com-
paring the standard deviation in the color V " J for the member
sample (see x 3) to the standard deviation obtained using the
theoretical isochrones from Siess et al. (2000) with a reference
age of 5 Myr.

Figure 11 shows the disk frequencies of late-type stars (stars K
middle or later) with near-infrared disk emission in different stel-
lar groups, as a function of age (Hernández et al. 2005, 2007a;
Haisch et al. 2001). Using the number of members with V " J >
2:0 (!K5 or later) expected in our photometric sample (Fig. 3,
dashed histogram) and the disk detected in x 4.3, we calculated a
primordial disk frequency of 6% # 2%for the !Velorum cluster.
We include recent Spitzer results for the young stellar clusters
NGC 1333 (Gutermuth et al. 2008), NGC 2068/71(Flaherty &
Muzerolle 2008), Taurus (Hartmann et al. 2005), NGC 7129
(Gutermuth et al. 2004), Chameleons (Megeath et al. 2005),
Tr 37 and NGC 7160 (Sicilia-Aguilar et al. 2006), IC 348 (Lada
et al. 2006), NGC 2244 (Balog et al. 2007), NGC 2264 (Cieza
& Baliber 2007), " Ori (Hernández et al. 2007a), NGC 2362
(Dahm & Hillenbrand 2007), k Ori (Barrado y Navascués et al.
2007), Upper Scorpius (Carpenter et al. 2006), and Orion OB1b
and 25 Ori (Hernández et al. 2007b).

The disk frequencies decrease toward older ages with a time-
scale for primordial disk dissipation of !5 Myr. It is apparent
that the disk frequency found in the ! Velorum cluster is lower
than that found in young stellar populations with similar ages,
and comparable to the disk frequency in older stellar groups.

This could indicate that the low disk presence observed in the !
Velorum cluster is abnormal for its evolutionary stage, and envi-
ronmental effects, such as strong stellar winds and/or strong ra-
diation fields from the ! Velorum system, could provide the
physical mechanism for the low disk frequency.Moreover,!75%
of the disk-bearing stars in the ! Velorum cluster show IRAC
SED slopes smaller than the median values of other 5 Myr old
stellar groups plotted in Figure 10 suggesting that the disks of the
! Velorum cluster have a higher degree of dust settling. In par-
ticular, the median IRAC SED slopes for the disk population of
NGC 2362, the k Orionis cluster, the OB1b subassociation and
the ! Velorum cluster are "1.72, "1.60, "1.70, and "1.82, re-
spectively (with a typical error of 0.06).
Studying the young (2–3Myr) open cluster NGC 2244, Balog

et al. (2007) showed that high-mass stars (O-type stars) can affect
the primordial disks of lower mass members only if they are
within !0.5 pc of the high-mass star. We find similar results
for the ! Velorum cluster. Using the photometric members with
V " J > 3:5 (!M2 or later), we find a disk frequency of 4% #
3% at a projected distance of 0.25–1.0 pc; inside 0.25 pc the
central objects of the cluster contaminate the optical photometry
used to select photometric candidates (x 3). The closest primor-
dial disk is located at projected distance of !0.5 pc. At larger
projected distance (>1.0 pc), the disk frequency is larger (8% #
2%). This suggests that the relative fast dispersion of disks in the
! Velorum cluster is produced by the strong radiation fields and
strong stellar winds from the central objects. This result must still
be considered tentative given the small number of stars with
disks, which results in large errors in disk frequencies.
Alternatively, Figure 11 indicates that the disk frequency drops

rapidly at !5 Myr and the relative low frequency of disks ob-
served in the ! Velorum cluster could be explained if the cluster
is slightly older than 5 Myr. Additional studies of photometric
members presented in Table 1 are necessary to explain the disk
population found in ! Velorum cluster.

6. CONCLUSIONS

We have used the IRAC and MIPS instruments on board the
Spitzer Space Telescope to conduct a study of disks around the
! Velorum cluster. Since the central object is a binary system
consisting of the closest knownWolf-Rayet star and a high-mass
O star, a strong UVradiation field and stellar winds are present in
the cluster. Using optical photometry of X-ray sources (2XMM)
and members confirmed by spectroscopy (R. D. Jeffries et al.
2008, in preparation), 579 photometric candidates were selected
as possible members of the cluster. The level of contamination
by nonmembers depends on the V " J color range, showing the
highest level of contamination (!68%) at V " J ¼ 1:5–3.5,
where the field giant branch crosses the young stellar population.
Combining optical, 2MASS, and Spitzer data we have detected
infrared excess in 29 stars. One of the infrared excess stars is a
Be star.We report five debris disks aroundA-type stars, five debris
disks around solar-type stars (spectral type range F to early K)
and one solar-type star with infrared excess produced by a very
massive debris disks or by a primordial disk with a high degree
of dust settling. Seventeen disk-bearing low-mass stars (K5 or
later) were found in the cluster with a range of disk properties.
We classified these objects in three classes using the infrared ex-
cess at 5.8 #m and the SED slope ½8:0& " ½24&: nine Class II stars,
seven evolved disks star, and one pretransitional candidate. We
found that 76% of the stars bearing primordial disks have color
V " J > 4 (!later than M3.5), indicating a mass-dependent
timescale for disk dissipation in the ! Velorum cluster, similar

Fig. 11.—Fraction of stars with near-infrared disk emission as a function of
the age of the stellar group. Open circles represent the disk frequency for stars in
the T Tauri (TTS) mass range (!K5 or later), derived using JHKL observations:
NGC 2024 and Trapezium (Haisch et al. 2001), and Chameleon I (Gómez &
Kenyon 2001). Solid symbols represent the disk frequency calculated for stars
in the TTS mass range using Spitzer data (see text for references).
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➝ formation timescale for giant gaseous planets
disks disappear in about 5-7 Myr

fractions of stars showing evidence for a disk



 adjusted to reproduce the 

versus relation
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Mdisk as a function of Mstar

Muzerolle et al. 2003

Ṁdisk

using the alpha-disk model

we find Mdisk ∝M1.2
star reproduces this observation
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   Varying the central star’s mass   
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Micro-lensing planet searches

122 Arnaud Cassan, Takahiro Sumi, Daniel Kubas

Figure 2. PLANET detection efficiency from the 2004 season (preliminary diagram), as a
function of planet mass and orbital separation. The crosses are the detected planets with their
parameter error bars.

more than ten years of observations (Cassan et al. 2008). The Fig. 2 shows a prelimi-
nary planet detection efficiency diagram, computed from well-covered events of the 2004
season.

4. Summary and prospects
Microlensing has proven to be a robust method to search for extrasolar planets at large

separations from their parent stars (∼ 1− 10 AU). It is sensitive to masses down to the
mass of the Earth using ground based telescopes and even capable to detect planets of a
few fractions of Earth masses when considering space-based telescope scenarios.

Microlensing is also very well-suited for statistical studies on planet abundance in the
Galaxy. In fact, the method is by essence not limited to our close solar neighborhood or
to a particular type of host stars.
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Conclusions
• The discovery of the whole population of exoplanets is 

essential to provide important constraints on formation 
models

• A comprehensive theory of planet formation is still not 
available: 
- pieces are available but dont fit together...
- some pieces are still missing...

• Important ingredients missing
- Characteristics of proto-planetary disks as a function of host star

- mass, structure, lifetime, composition
➝ we are missing some of the initial and boundary conditions

- Systems in the making 
➝ we only see essentially old systems (end products)!

• Different detection techniques provide different constraints


